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Abstract

High-energy astrophysics concerns itself with the origin of energetic particles
and photons in the universe. Some astrophysical objects which have been
identified as sources of energetic particles include the sun; flare stars; SNRs

(supernova remnants); pulsars and AGN (active galactic nuclei)

The search for an extraterrestrial source of radiation began in 1911 when the
Austrian physicist Victor Hess initiated a series of balloon flights to determine
the radiation intenstity variation as a function of height above the surface
of the Earth. He showed that the intensity of naturally occurring radiation
increases with sufficient height, which can be explained by a decreased shield-
ing of an extraterrestrial source of radiation by the remaining column of air
above the balloon. Millikan christened the observed high-energy particles

Cosmic Rays (CRs) at a later date.

It is now an established fact that cosmic rays do not constitute a local phe-
nomenon and that in fact the majority must originate from distant sources

either in our own Galaxy or beyond.

The purpose of this thesis is to investigate particle acceleration at the shock
fronts associated with expanding SNRs. Most models of galactic CR ac-
celeration have focused on SNRs based on the total energy input required.
The phenomenon being investigated requires a knowledge of CRs themselves

- their propagation and development through the atmosphere (scattering,



collisions resulting in fragmentation into their constituent parts); shock dy-
namics - how a shock front is formed, jump conditions for particles across
a shock front; SNRs - their formation and expansion characteristics; and
also particle acceleration - acceleration times, diffusive lengths, scattering

mechanisms etc.

The Bell-Lucek hypothesis, which suggests that diffusive shock acceleration
(DSA), the conventional process of particle acceleration in shocks, may also
result in an amplification of the highly tangled magnetic field around the
shock, is investigated using the “box” model. The equations in question
were solved using a C programme that solves systems of equations using the

Runge-Kutta method.



Chapter |

Cosmic Rays

1.1 Discovery of Cosmic Rays

The search for a general background source of ionizing radiation began in
the early 1900s, in an attempt to explain the continuous and uncontrollable
leakage of electrical charge from a well insulated gold leaf electroscope. In
1900 Father Thomas Wulf took his electroscope to the top of the Eifel Tower
(~ 300m asl), and noticed a 64% decrease in the leakage rate. If the source
of ionization was the radioactive material of the Earth, as was previously
thought, there should have been a much more significant reduction in the
ionization level due to absorption in the air. Wulf therefore concluded that
the radiation from the ground, although decreasing gradually with altitude,

was in competition with some form of radiation coming from gases in the



atmosphere.

In 1911, the Austrian physicist Victor Hess initiated a series of balloon flights
to determine the radiation intensity variation as a function of height above
the surface of the Earth. He noted that, although the intensity of ioniz-
ing radiation decreased initially with altitude, at a height of ~ 5,000 ft the
radiation was more intense than at sea level, and at the maximum height
of ~ 16,000 ft the intensity level had increased significantly. Hess hypoth-
esized that the radiation responsible for ionization was extra-terrestrial in
origin and subsequently (1936) received the Nobel Prize for Physics for his
discovery. This penetrating radiation was given the name cosmic radiation

by Millikan in 1925.

1.2 W hat are Cosmic Rays?

The Earth is constantly being bombarded by high energy cosmic particles
- ionized nuclei which are ~ 90% protons, 9% alpha particles and other
heavier nuclei. Most cosmic ray (CR) particles are relativistic and therefore
ionize the media through which they pass at a rate at or near the minimum
ionization (~ 2 MeV g-:cm2). Perhaps one of the most striking properties of
the cosmic radiation is its wide energy range  10s —1019 eV, with a few CRs
even having ultrarelativistic energies extending up to 1020 eV. Observations

have concluded that CRs consist almost exclusively of charged particles and



the fraction which consists of em radiation (e.g. 7-rays in electron-photon
cascades, decay products of .r° mesons and other transients) is of such short

wavelength that particle features dominate over wavelike features.

1.3 W here do Cosmic Rays come from?

CRs are ubiquitous but their origins are surprisingly difficult to understand.
It is well established however, that CRs do not constitute a local phenomenon
and that in fact the majority must originate from distant sources either in

our own galaxy or beyond.

1.3.1 Galactic Cosmic Rays

In general galactic CRs arrive at the top of the atmosphere uniformly from
all directions - they are isotropically distributed to an accuracy of about 1
part in 104. This isotropy suggests that either the particles do not come from
the one region or that they have been deflected so often in their travels that

they have lost all sense of their original directions of travel.

Several factors control the path of a CR - its initial direction of travel;
its mass, speed and electric charge; and how the magnetic field varies with
distance from the Earth. Consequently, the direction of motion changes con-
tinuously as the CR approaches the Earth and it follows a highly convoluted

path.



CRs incident on the Earth’s atmosphere have a spectrum which is a power-
law in energy given by

N(E)dE = nE~sdE, (1.1)

(for E < 1015 eV)

There is little variation in the spectral index (s ~ 2.7) for energies in the
range ~ 1010 —101s eV. At greater energies however, the spectrum steepens
so that N(E) oc E-s up to about 10:s eV. At the highest energies (E> 101
eV) the CRs are believed to be ext.ragalactic in origin. At such high energies,
these particles should not be significantly influenced by the magnetic field in
our galaxy and they should propagate in a relatively straight line from source
to observer. Their arrival directions seem to be isotropically distributed but

their origin has not yet been fully understood.

CR energy spectra near the Earth have been shaped by a complex combina-
tion of injection, acceleration and propagation. These processes are them-
selves modified by energy losses, collisions and possible leakage from the
galaxy, and all depend on particle energies. It is now generally thought that
the galactic CRs (with E < 1019 eV) are accelerated at strong shocks associ-
ated with supernova remnant (SNR) blast waves in the interstellar medium
(ISM). The idea of SNRs as the origin of CRs becomes more attractive when
one considers that CRs below the “knee” in the spectrum roughly mirror
the composition of the sun and the interstellar medium, and also when one

examines the energy budget of the CRs in the galaxy.



Although the existence of the “knee” in the CR spectrum has been known
for over four decades, none of the many models proposed to explain this
feature has been broadly accepted. Some models focus on a possible crossover
between different acceleration mechanisms below and above the “knee” (e.g.
Lagage & Cesarsky 1983; Biermann 1993; Drury et al. 1994), or exploit the
possibility of a change in the particle acceleration efficiency (Fichtel & Linsley
1986; Jokipii & Morfill 1986; Kobayakawa et al. 2000). Other hypothesis
include the nuclear photodisintegration at the sources (Karakula & Tkaczyk
1993; Candia et al. 2002 ) and leakage from the Galaxy due to a change in
the confinement efficiency of CRs by galactic magnetic fields (e.g. Ptuskin

et al. 1993).

From the shape of the energy spectrum, most of the CR particles are those
with energies below 10is eV. The energy density of CRs with energies E
> 1015 eV is 1 eVm-s (Longair), only about 10-s of the total energy density
of CRs. The most straightforward interpretation of this data is that the bulk
of the CRs are of Galactic origin but the very highest energy particles, with
E > 1019 eV, may have an origin outside our Galaxy and probably within

the local supercluster.



Isotope Half-life (years)

10Be 1.6 x10s
Xai 7.3 xl0s
36Cl1 3.0 xI0Os
s3Mn 3.7 x10s

Table 1.1: Radioactive isotopes created in spallation reactions and their half-
lives.

1.4 The 10Be Clock

Most nuclei assumed to be injected at CR sources are stable (nonradioactive).
The most common approach to dealing with the question of a confinement
timescale for CRs uses the fact that some nuclei produced in interstellar
spallation reactions are radioactive and so their abundances can be used to
date the CRs observed near the Earth. The longest lived of these is shown
in the table above. 10Be is especially interesting because of its use as a

chronometer for CR travel in the galaxy.

Among the beryllium isotopes produced by the fragmentation of heavier nu-
clei, only 9Be is stable, but 10Be has a half-life of ~ 1.6 million years -
comparable to the travel time of CRs. Radioactive nuclei start to decay im-
mediately after creation. The 10Be will undergo /5-decay into 10B so that the
relative abundances of the isotopes of Be and B will show whether or not all
the 10Be has decayed and therefore provide an estimate of the mean age of

the CRs detected on Earth.

In his book, Longair [52] gives a comprehensive treatment of the expected



abundance of 10Be for the “leaky box” model, where the Galaxy is classified
as a volume from which there is an associated escape time re. He finds the
steady state ratio of radioactive to non-radioactive species for the special

case of 10Be and 7Be isotopes:

N r Be) (1/TeCBe)) + (1 / r Be)) C("°Be)
N(7Be)  (l/re(1°Be)) + (I/r,('»i3e)) + (I/T,m,(‘«Be)) C(7Be) * ~' 1

where re= escape time; Tspai= timescale over which isotope is destroyed by
inelastic collisions; Tr= characteristic lifetime of isotope; C= production rate
of the isotope. By assuming that the timescale for the destruction of the
beryllium isotopes is greater than their escape times, the above relation may

be simplified to obtain

JjVTge) (IMBe)) C(10Be)

N (7Be) (]/re(,0Be)) \ (I/Tr)(IbRt)) C(7Be) *
Several estimates of the ratio of beryllium isotopes in CRs have been made
and they all correspond to an escape time of approximately 107 years (1o
million years) and an interstellar gas density of ~ 2 —3 x 10s m~3. Astro-
physically, the above treatment is a simplified picture of what is happening
in our Solar system so that all the 10Be clock can tell us is that the typical
time it takes a high energy particle to travel from its source to the Earth is

N 107 years.



1.5 The Cosmic Ray Energy Budget

There are two aspects to the question of CR acceleration - (i) what is the
source of power for the accelerator; (ii) what is the actual acceleration mech-
anism. The measured flux of CRs show that the local CR energy density
near the sun is pE ~ leV/cm3. Assuming this to be a typical value for the
galaxy, and with a galactic disk volume of 10s-cm3, the total CR content
is ~ 1067eV ~ 1.6 x 10ssergs. If a typical CR spends ~ 10 million years
(3 x 1014 sec) in the galaxy before escaping into intergalactic space, the rate

at which energy is lost corresponds to

Ler ~ VDpE/TR ~ 5 X 1040 erg/sec. (1.4)

where Vp = volume of galactic disk; pe — CR energy density; rR = CR

residence time.

If the galactic CR energy is to be maintained at a steady value, this loss
must be compensated by injection and acceleration of new CRs. If we take a
rate of one SN every 30 years (9.47 x 10s sec) and a kinetic energy yield per
event of ~ 10s: ergs, then the average available power in SNRs is roughly
1042 ergs/sec. Although a rough estimate, this amount of energy is certainly

sufficient to power CRs.

Identifying SNRs as likely powerhouses for CRs, and focusing on the total

energy input required still leaves one major question unanswered - how is



such a large fraction of this energy directed into CRs? Before examining the
injection and acceleration mechanisms of SNR shocks, | will first review the

idea of CRs as a source of gamma-rays.

1.6 Cosmic Rays As A Source of Gamma-

Rays

Ever since their discovery at the turn of the last century, the quest for the ori-
gin of CRs was on. Being charged particles, CRs are scattered and isotropized
by the galactic magnetic field and therefore follow erratic paths, making their
origins diffucult to detect. If a neutral radiation like gamma-rays is asso-
ciated with the presence of energetic particles in a source, they travel in

straight lines and their sources can be identified.

Schlovsky pointed out in the early 1950s that the high degree of optical po-
larization from the Crab Nebula (a supernova remnant in the constellation
Taurus due to a supernova explosion in 1054 AD), could be accounted for by
a synchrotron process requiring the presence of very high energy (> 10:2eV)
electrons gyrating around magnetic fields (~ 10“4G) in the filaments of the
nebula. In 1960, Cocconi [18] suggested that since electrons of such high
energy cannot arise from nuclear decay processes, a mechanism of accelera-
tion of particles to high energies must be operating in the nebula. If such

a mechanism was present, there was no reason why protons could not be



accelerated to high energies too. The presence of such high energy protons
meant that charged and neutral pions could be created in collisions with
the nebular matter. The decay of such high energy neutral pions results in
the production of high energy (hundreds of GeV) gamma-rays. Therefore,

detection of high energy gamma-rays leads to the discovery of CR sources.

SNRs (supernova remnants) have long been invoked as a principal source of
galactic CRs, created via the process of diffusive Fermi acceleration at their
expanding shock fronts (e.g. Drury 1983; Lagage & Cesarsky 1983). The best
way to test this hypothesis is to search for the gamma-ray signal produced
by the interaction of the CR population with the remnant enviornment. In
the case of hadrons, this signal is produced by pions from nuclear collisions;
in the case of leptons, by Bremsstrahlung or inverse Compton scattering of
the cosmic microwave background radiation (CMBR). Such a signal should
indicate that the nuclear component of CRs in SNRs is much younger than
that in the ISM (interstellar medium) or, failing this, that it is much more

intensive in SNRs than in the ISM.

The concept of gamma-ray emission was explored by Drury, Aharonian &
Volk (1994). In their model, the gamma-ray luminosity is spawned by col-
lisions between the CRs and nuclei from the ambient SNR enviornment.
Models of Mastichiadis and de Jager (1996), Gaisser, Protheroe and Stanev
(1997), and Sturner et al. (1997) suggest that ee (electron-electron) and ep

(electron-proton) Bremsstrahlung and inverse Compton scattering involving

10



shock-accelerated electrons interacting with the CMBR and also IR/optical

emission from dust/starlight form added components.

Just as Galactic radio emission outlines the distribution of high energy elec-
trons in magnetic fields in the Galaxy, so the distribution of gamma-radiation
can provide information about high energy protons and the overall distribu-

tion of the interstellar gas.

Collisions between high energy particles and protons and nuclei of atoms and
molecules of the interstellar gas produce pions of all charges r+, +t~, r°. The
positive and negative pions decay into positive and negative muons which, in
turn decay into positrons and electrons with relativistic energies. The latter
may make a contribution to the low energy electron spectrum. The neutral
pions decay almost instantly into two - -rays. In proton-proton collisions, the
cross-section for the production of a pair of high energy --rays is roughly
the geometric proton size, av ~ 10_s°m2. The characteristic signature of
the spectrum of 7 -rays produced in this process, is that they have a broad
maximum at about 70 MeV. To produce TeV gamma-rays through hadronic
processes, protons will have to be accelerated to at least 10 TeV. This is also
the energy that electrons require to produce TeV gamma-rays by inverse

Compton scattering of the CMBR.

In his book, Gaisser [30] develops an expression for the ratio of Bremsstrahlung

11



Elements Cosmic Rays Sun

H 1 1
He 0.1 0.01
7>2 0.03 -0.001
Electrons < 102 1

Table 1.2: Relative abundances of elements

photons to -r° photons for power law spectra at high energies (E7 70 MeV):

=r 1 a (1 + _INMirAd (1s)
74 T [NAXOa™Iil2ZN_+ya +1 a-1 a

This is~[0.85][27x(0.6)][&]

whereX0=radiation length; <J™el=cross section for proton-proton inelastic
collisions; a=spectral index; (*e=spectrum of electrons; o *=spectrum of nu-

cleons.

The first term on the right represents the ratio of interaction lengths for
the two processes, which is about one. The second factor is the ratio of the
spectrum weighted moments of the inclusive cross-sections. The third term

is the ratio of the electron and CR nucleon spectrum.

An examination of the table above, of the relativistic abundances of various
elements, reveals that there are practically no electrons in the CRs. Since
electrons should also be produced in the processes which give rise to the
protons, their absence must somehow be explained. The relativistic electrons

which we can expect to be produced along with other particles that are

12



actually observed in CRs are responsible for the radio frequency emissions
observed in radio astronomy. The electrons lose their energy by magnetic

Bremsstrahlung while getting accelerated by the interstellar magnetic fields.

1.6.1 Extensive Air Showers

The discovery of air showers is generally attributed to Pierre Auger (1938)
who, along with his colleagues in France, was studying coincidences in a
CR telescope. They noted that they were recording coincidences between
counters seperated horizontally by distances of up to 75 meters. As early as
1934 however, Bruno Rossi had noticed coincidences between several counters
placed in a horizontal plane, far in excess of chance coincidences. Before going
into further details, let us first examine the cascade process which leads to

such particle showers.

When a primary CR proton or nucleus enters the Earth’s atmosphere, it
interacts strongly with a nucleus in the air (e.g. Nitrogen, Oxygen). In
such high energy collisions, part of the primary particle energy is lost in
the production of secondary particles (mesons, baryons, hyperons etc.). The
energy lost by the primary nuclei is shared by the secondaries and the number

of secondaries slowly increases with the energy of the interaction.

The majority of particles produced in the first interaction are pions. These
particles interact even further in the air as they travel down and produce

even more particles but of lower energy. These particles in turn interact or

13



decay further down in the atmosphere and this “nuclear cascade” propagates

downwards.

Some of the particles produced in the cascade are neutral pions, which decay

almost immediately into two 7 -rays by the following reaction:

TR S (1.6)

The gamma-rays initiate electromagnetic cascades. The products of these
cascades are photons,electrons and positrons, andthey constitute the elec-
tromagnetic component of air showers. The charged mesonsgiverise to

muons (f, mesons) when they decay:

7ft —afit + V (1.7)

Kt —=afit+ V—=7rl + 71 (1.8)

The neutrinos formed above only have weak interactions and therefore man-
age to escape, carrying a significant fraction of the primary energy. The
surviving hadrons, all strongly interacting particles such as pions, kaons,

hyperons etc., form the hadronic component of the shower.

As the shower propagates down through the atmosphere, the hadron and
electromagnetic components increase in size, reach a maximum and then de-
crease. The muon component however does not suffer significant attenuation

after reaching maximum, therefore muons only lose energy by ionization and

14



a small fraction of them are lost by decay. This complex nuclear electromag-

netic cascade is called an Extensive Air Shower (EAS).

Properties of air showers are generally studied as a function of shower size.
Thus, the first task in the analysis of air shower data is to determine the
shower size. Traditionally this is done by fitting the observed particle den-
sities in various detectors to an assumed lateral distribution function in the
shower plane. The shower plane, which is perpendicular to the direction of
the primary particle, also called the shower axis, is determined from the rel-
ative arrival times of the particles recorded in various detectors. The shower
axis is characterized by the zenith and azimuth angles in the local coordinate

system.

Many air shower arrays employing the above technique have been constructed
worldwide e.g. SPASE (South Pole Air Shower Experiment) operational since
1987 and the Tibetan Air Shower Array at an altitude of 4300 m and in

operation since 1990.

The array of four (Phase 1) IACTs (Imaging Atmospheric Cerenkov Tele-
scopes) of the HESS project detects the Cerenkov light emitted by particles
travelling through the atmosphere. Cerenkov light is emitted by a charged
particle travelling in a dielectric medium with velocity greater than the speed

of light in the medium. The light is emitted at an angle 6 with respect to

15



the direction of motion of the particle given by:

9= .
cos B30 (1.9)

where s - jr; v = particle velocity; ¢ = light velocity; n - refractive index
of medium. Only particles with /2 > ~ can emit Cerenkov light, thus setting
a threshold energy. The light is emitted along the surface of a cone of half

angle 9 around the direction of the particle.

The Cerenkov technique differs fundamentally from other EAS techniques
on a variety of counts. Firstly, because it is the atmosphere itself which
is the detecting medium, the detector has ill-defined boundaries but vast
dimensions. Secondly, since by nature Cerenkov radiation is directional in
character, it is possible to achieve high angular resolution with equipment
having quite simple optics. Thirdly, as a direct result of the first point, and
because of the large area of the “light pool” illuminating the ground, the
effective area of the detector is many orders of magnitude larger than the
physical area of the instrument, resulting in a great reduction in cost relative
to conventional arrays for the same counting rate for showers of comparable
energy. Finally, the most distinguishing feature of the Cerenkov technique
is that whereas all other EAS equipments yield information mainly about
the lateral distributions of particle energies and densitites, and then only for
the particular atmospheric level at which the array is situated, the Cerenkov

technique yields information on the history of showers in depth.

16



High energy 7 -rays entering the Earth’s atmosphere develop pure electron-
photon cascades, the features of which differ some-what from the more famil-
iar nucleon-induced showers. The 7-induced EAS contain a much smaller
fraction of muons and nuclear active particles and also develop more rapidly
so that, for a given primary energy EO, the region of maximum development

occurs at a greater altitude.

The potential of the Cerenkov technique in the field of 7-ray astronomy
lies essentially in the high counting rate of relatively low energy showers in
a restricted field of view with installations operated on the ground. The
advantages of the Cerenkov technique in the search for point sources were
appreciated early on (e.g. Galbraith & Shelley 1955) while the application
of the technique to the detection of » -ray induced EAS was first suggested
by Zatsepin & Chudakov (1961) and was also discussed by Jelley & Porter
(1963).

Since the mean life of a charged-particle CR stored in a galactic magnetic
field is long compared to the time for a 7 -ray to traverse a comparable linear
distance, it follows that even if 7-rays are produced at the same rate as
normal CR, their apparent flux 0(z) at the Earth is expected to be smaller
than the nucleon flux <X(iV). This low value for the 7-ray flux compared
to the charged-particle primary fiux presents a problem with the Cerenkov
technique, in that with photomultiplier systems it is difficult to distinguish

between EAS induced by 7-rays and charged particles. This problem can

17



be overcome using the angular spread method/Cerenkov imaging technique,

developed by the Whipple group.

The Whipple collaboration constructed a 10 m diameter reflector at the focal
plane of which a camera head was mounted. The camera head consists of 91
pixels of 0.25° (2.5 cm diameter phototubes) surrounded by an outer ring of
18 pixels of 0.5° (5 cm diameter phototubes) arranged hexagonally, giving a
full field of view of 3.75° diameter. The effective energy threshold is ~ 0.3

TeV and the collection area for 7 -ray showers is ~ 3 x 104 m2.

In gamma-ray showers, the angular spread of Cerenkov photons is solely
due to the Cerenkov emission angle and the multiple Coulomb scattering of
electrons that emit the light. In the case of proton showers, the opening
angles of the r° mesons, due to the transverse momentum they acquire at
production in nuclear interactions, also contribute to the spread. Therefore
the angular spread of the photons, and hence the size of the Cerenkov image
in angular space, is larger for proton showers than for 7 -ray showers. This
effect also leads to flatter lateral distribution of Cerenkov light in 7-ray
showers compared to proton showers, with a characteristic hump ~140m

from the core. This hump is absent in proton showers.

The compact angular size of Cerenkov images due to 7-ray showers from a
point source, coupled with the elliptical shape of the images, with the major
axis pointing towards the center which is the direction of the source, give a

single parameter “azwidth”. This is the width of the image perpendicular

18



to the radial axis through the image centroid. By making a suitable cut on
this parameter, on the basis of Monte Carlo simulations, the Whipple group
showed that 7-ray showers could be selected with at least 50% efficiency,

while rejecting 97% of the background CR showers.

The predicted flux of TeV gamma-rays produced by the hadronic component
of CRs from the number of nearby SNR lies near the sensitivity limit of
present day ICTs. However, the only detections reported to date are of
objects where energetic leptons are equally plausible as radiating particles.
Those objects in which hadrons are expected to dominate have not yet shown
emission at the level hoped for. However, the arguments in favour of the
origin of (hadronic) CRs in SNR, principally the energy budget, remains
convincing and it is hoped that such emission will be observed with the new

generation of telescopes.

Next I will examine the basic concepts involved in the formation and expan-

sion of SNRs.
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Figure 1.1: The Cosmic Ray energy spectrum below and above the ‘knee”
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Figure 1.2: EGRET All-Sky Gamma Ray Survey Above 100 MeV
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Chapter 2

The Evolution of a Supernova

Remnant

2.1 Introduction

There are two main categories of supernova. Type | supernovae are somewhat
more abundant and have greater luminosities than those of Type Il and their
brightness diminishes more quickly. Their properties are remarkably uniform,
with essentially identical light curves and intrinsic luminosities. Type 1l

supernovae exhibit a much more diverse range of properties.

Type | supernovae are thought to occur in the late stages of evolution of
a binary system, where two stars move in orbit around each other. One of

the stars is a white dwarf which accretes matter from its binary companion.
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Once the mass of accreted matter exceeds the theoretical limit for the mass
of a white dwarf, the Chandrasekhar limit, at close to 1.4 Solar masses, the
star collapses, liberating ~ 1053 ergs, as a neutron star with a mass of ~ 1 Mo
is formed. The fact that the progenitor stars are all of the same type and

mass accounts for the observed uniformity of their properties.

In contrast, Type Il supernovae represent the final stages in the evolution
of stars appreciably more massive than the sun (M > sMO0). The energy
release associated with a supernova explosion is typically of the order Esn ~
10s3 erg. Approximately 99% of this energy is radiated away in the form of
neutrinos. The remaining 1% of the energy (Esr —10s1 erg) is contained in
the ejected material which ultimately drives a shock wave in the surrounding
medium. This results in an expanding shell containing hot shocked (swept-
up) material which bounds the supernova remnant (SNR). The evolution
of a SNR can roughly be divided into four stages (Woltjer 1972): the free
expansion stage, the Sedov-Taylor stage, the pressure-driven snowplow stage
and the momentum conserving stage. | will discuss each of these stages in

this chapter.

2.2 The freely expanding stage

In the free expansion stage, the SNR consists mostly of the freely expand-

ing (stellar) ejecta bounded by a strong shock. The total mass of the SNR
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roughly equals the mass of the (stellar) ejecta Mg and almost all the me-
chanical energy Esm has been converted into kinetic energy at the start of
this stage. Therefore the expansion velocity of a SNR during this stage is

approximately constant:

ysy ~ y2£sn/Mg - 10 coo km/s. (2.1)

A SNR will be significantly decelerated when the swept-up material roughly
equals the total ejected mass during the supernova explosion event- a tran-

sition will take place to the Sedov-Taylor stage.

2.2.1 The Sedov-Taylor stage

The transition from the free expansion stage to the Sedov-Taylor stage takes
place after a few ~ 100 years, when the total swept-up mass from the ISM
exceeds the ejected mass during the supernova explosion event. McKee &

Truelove (1995) give a typical timescale for this transition time:

iST ™ 209 EN12 noifs Yr- (2-2)

Here E5i is the total mechanical energy of the SNR in units of 103_erg, Mg
is the ejecta mass and no is the ambient hydrogen number density assuming
the typical interstellar composition of 10 H: 1 He (no = po/2.34 x 10-24Q).

At the end of the free expansion stage a reverse shock is driven deep into
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Radius (in parsec)

Figure 2.1: The velocity profile ofayoung supernova remnant (500 years old). The
parameters which have been taken for this example are a total mechanical energy
ea = 1051 €rg, the ejecta mass m ; - 1w o and a uniform density po - 10 24
g/cn?. The corresponding transition time for these parameters equals ts1 — 277
years, which means that the considered supernova remnant is in the transition
region from freely expanding to the Sedov-Taylor stage. Therefore there is besides
the forward shock also a reverse shock in the supernova remnant.

the interior of the SNR (Me Kee 1974) which will (shock-)heat the freely

expanding ejecta (see also Figure 2.1).

During the Sedov-Taylor stage the SNR is bounded by a strong shock and
radiative losses are neglible, therefore the total mechanical energy of the

remnant is constant, i.,e. ESY = EO. The SNR expansion law during this
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stage can be derived using an energy argument. The mass of the SNR is

M) = ~Poc<r (2.3)

Here one assumes a uniform density, i.e. PO = constant. The total energy can

be expressed as the sum of the kinetic and thermal energies, which yields:

B,. = E,= \Mu2+ (2.4)
where 7 is the specific heat ratio of the gas. Thevalue forU, the velocity
behind the blastwave, and Psnn the pressure behindtheblastwave,follows

from the Rankine-Hugoniot jump conditions in the limit of a strong shock,

which yields:
2 diignr .
"= 7 n M A0T (25)
and
2
nr
"psnr =. 1P20 ) . (2.8)
7+ r uV df

Substituting equations (2.5) and (2.6) into equation (2.4) yields:

where

(T -1)(7 +1)2" i28)

Finally, using equations (2.3) and (2.7), one can derive an equation which
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Time (in 10’ yeors)

Figure 2.2: The radius of the forward shock ofa supernova remnant. The param-
eters have been chosen such that the total mechanical energy Eq = 1051 erg, the
mass of the ejecta Mg = 3Mqg and the ambient hydrogen number density per cms
no = 1.0. Forsuch asupernova remnant the transition time tst — 522 years and

tpDS = 29 000 Yyears.
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yields an approximation for the radius of a SNR in the Sedov-Taylor stage:

where

(2.10)

In the case of a SNR, the specific heat ratio of the gas is usually taken to
be 7 = 5/3, which yields £fo — |-01. One can obtain a full solution for the
Sedov-Taylor expansion stage by solving the equations of gas dynamics. This
yields the same equation for the radius of a SNR as in the approximation

but with a different coefficient, i.e. £fo ~ 1.15.

2.2.2 The Snowplow stage

The snowplow stage starts when a significant fraction of the mechanical en-
ergy of the SNR has been radiated away. This transition occurs roughly
when the temperature of the shell of the remnant drops below T ~ 10f
Kelvin. Blondin et al. (1998) give a typical tiinescale for the start of this

stage of the SNR evolution, i.e.:

iPDS = 2.9 x 104 EANNQ17 yr. (2.11)
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Here the same notation is used as for equation (2.1) ofthis chapter. Following
Cioffi et al. (1988), one can write the radius of the SNR in the snowplow
stage as:

/4 t I\ 3,10
RSNT(t) = flpDs f- oo -3

Here we have taken the radius of the SNR at the transition time in the

equation for the Sedov-Taylor expansion stage:

tfpos = 1-15 ‘ iJSs = 18eT noe7m7 pc . (2.13)

At the end ofthe remnant’s life, the expansion speed becomes similar to the

local sound speed. During this stage the SNR will merge with the ISM.
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C hapter 3

A cceleration of Cosmic R ays

3.1 Introduction

The question of how, where and when CRs are accelerated is most important
for galactic, solar and anomalous CRs. We should note at this stage that
only charged particles can be accelerated. Thus, e.g. energetic solar neutrons

sometimes detected during solar flares are secondaries.

When we consider the energy distribution of CRs, as well as their com-
position, rate of production and other details, the task of modelling their
production and propagation becomes very sophisticated. There is now broad
consensus that galactic CRs are accelerated from the ISM at SNR blast waves
by the diffusive shock acceleration (DSA) process. Beyond this simple state-

ment however, significant differences of opinion quickly surface on almost
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every detail and these have yet to be overcome.

3.2 Fermi Acceleration and the DSA Theory

In order to explain the origin of CRs, Enrico Fermi (1949) suggested an
effective mechanism of particle acceleration. He exploited the idea of moving
magnetic clouds in the ISM. These clouds have a density ~ 10-100 times
higher than the average ISM density and carry a “frozen-in” magnetic field.
The Fermi acceleration mechanism is particularly attractive as it produces
a spectrum of CRs close to what is observed. The most straightforward
physical realisation of regular Fermi acceleration is DSA. This acceleration
mechanism occurs when charged particles are scattered repeatedly across a
strong shock propagating in a magnetised plasma. In the following sections
| will outline the basic principles of first and second order Fermi acceleration

and their application to the DSA process at SNR shocks.

3.2.1 First and Second order Fermi Acceleration

The fact that galactic CRs are undergoing a random walk immediately im -
plies that something is scattering them. Ordinary collisions between CRs
and ions in the interstellar gas are totally ineffective in scattering the CRs.
It is believed that the scattering mechanism responsible for their random

walk is provided by the irregularities in the galactic magnetic field. This is a
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Figure 3.1: Sketch of a collision of a charged particle with a moving magnetic
cloud

collective process in the sense that the CRs are not scattered by the em-field
of a single particle in the ISM, but by a wave supported by the plasma as a

whole.

A CR enters acloud and scatters offirregularities in the magnetic field which
is tied to the cloud because it is partly ionized. In the frame of the cloud,
there is no energy change because the scattering is collisionless and there is

elastic scattering between the CR and the cloud.

Consider a fast moving particle with energy E\ and momentum p\ entering
a cloud at an angle OXto the cloud’s direction. (See Fig 3.1). Assuming the

particle to be relativistic (E ~ pc) we get:

E[ = 7#a(l —/?cosei)

where p = V/c and 7= 11211 — (32) are the and Lorentz factors of the
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cloud respectively, and the primes denote quantities measured in the cloud
rest frame. After scattering inside the cloud, the particle emerges with an
energy E2and momentum p2at an angle 02to the cloud’s direction. Going-

back to the laboratory frame, we obtain:

E2=7~2(1 + Pcos?2) (3-2)

Our assumption that there are no collisions with the matter but only elastic
scattering on the magnetic field leads to conservation of the particle’s energy

in the rest frame of themoving cloud so that:

E[ = E2 (3.3)

from which the fractional change in energy, (E2—EI)/EI, follows:

AE _ 1- (Bcos0i + pcos02—p2cos O\cos . X
~E ~ 1~p2 ~~ Ny

Because the particle motion inside the cloud is random, all possible values
of 02 have equal probability, which leads to < cos02 >= 0. Because of
the movement of the cloud, the probability of a particle entering the cloud
at 0[ is proportional to C —V cos (2t for relativistic particles, which gives

< cosO\ >= —1/3p. Therefore
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AE | + 1/3(32

1m 4/3/3 . (3.5)
E 1-/32

From this we see that the net energy gain averaged per collision, is ~ o0c j3
and that although positive, the average energy gain is small. This is because
particles can either gain or lose energy in a given encounter, depending on
the angles, but after many encounters there is a net gain. Many authors
explain this by suggesting that the number of head-on collisions, where a
particle gains energy, exceeds the number of overtaking collisions resulting
in an energy loss. In his book, Gaisser [30] disputes this idea, saying that a
head-on collision with a cloud in which the particle goes out the back side
(cos d2 < 0) can result in a loss of energy. Likewise an overtaking collision
may result in an increase in particle energy. In any case, the second order

process described above does not lead to very efficient particle acceleration.

Krymsky (1977), Axford et al. (1977), Bell (1978) and Blandford & Os-
triker (1978) independently showed that first order Fermi acceleration by

SNR shocks is particularly efficient because the motions are not random.

A charged particle ahead of the shock front can pass through the shock and
then be scattered by magnetic inhomogeneities behind the shock. Consider
a plane shock front moving with velocity —\ (See Fig 3.2). The shocked
gas flows away from the shock with a velocity relative to the shock front,
and | u2 |<| U\ |- Therefore, in the laboratory frame the gas behind the

shock moves with velocity V = —Ui +U2 By considering the rate at which
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Figure 3.2: Sketch ofa collision ofa charged particle with a moving

CRs cross the shock from downstream to upstream and back, we see that
< cos9\ >= —2/3 and < cos” >*e2/3 which leads to:
AE _ 1+ 4/3/9 + 4/9/3" 4

T m-mmmmmmmeeeeee S (

The particle gains energy and flies back across the shock where It can be
scattered fey magnetic inhomogeneities ahead rf the shock. This ©naMei
the particle to bounce back and forth across the shock, gaining energy each
time, a much more efficient acceleration mechanism than the second order

described above.

Due to efficient scattering, particles can cross the shock repeatedly before
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bring advected downstream. A particle gains energy each time it crosses
the shock in a cycle from downstream — upstream —>downstream and the

average momentum gain per cycle is given by:

Ap _4Ut-U?2
p 3 c ’ N '

where Uip) is the fluid velocity upstream (downstream). The particles have a

finite chance of escape from the confines of the shock which can be expressed

>
Pesc - 43 < 1. (3.8)

The resulting power law distribution in momentum of accelerated particles

has a number density with slope S where:

esicape rate

S = : "1'3.9)
acceleration rate
This can be expressed as a function of the compression ratio I (r = P2/Pi —
U1/U2) of the shock (I —4 for strong shocks).
S = =2 (3.10)

for a strong shock.
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3.3 Diffusive Shock Acceleration

The fundamental assumption of the theory of diffusive shock acceleration
(DSA) is that accelerated particles diffuse in space. There are numerous
approaches to understanding the physics of DSA, since the microphysics is
complex and depends on assumptions made about such details as the struc-
ture and orientation of the local magnetic field. However, all approaches
depend on anumber of nonthermal particles becoming trapped by scattering
around a shock front, so that they may tap into the energy flow through the

shock for extended times, but with a finite possibility of escape.

For DSA to work, the particle distribution should be almost isotropic and
the particles themselves should have speeds that are large compared to the
bulk flow speed U. The diffusion-convection equation which describes the

time evolution of the particle distribution f(p,X,t) can be expressed as

%+u-VFI=\p%(V «)+ Vv «(kv/) + Q, (3.11)

where the firstterm on the right represents adiabatic compression, the second
spatial diffusion and Q is a generic source term that can represent injection

or escape.

One of the key questions to understanding the efficiency of DSA of CRs is
the injection process from thermal particles. When particles diffuse off the

moving scattering centres in a region divided by a shock, these particles can
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be accelerated if their mean free paths exceed the shock thickness. The rel-
ative momentum gain for a cycle of two shock crossings is then proportional
to the velocity difference across the shock - of first order with respect to the
shock velocity (Bell 1978). It was realized (e.g Bell 1978; Skilling 1975; Lucek
& Bell 2000) that accelerated particles must create the scattering environ-
ment by themselves, generating Alfven waves via the cyclotron instability,
so that even if there are not enough irregularities to begin with, especially
upstream of the shock, scattering waves can be self-generated by CRs dif-
fusing upstream. These waves are then amplified by the shock and advected
downstream where they are responsible for scattering and therefore diffusion,

an essential element of the first order Fermi acceleration process.

The question of how particles might be accelerated from the thermal pool
up to an energy where they can be assumed to diffuse is referred to as the
injection problem and is in itself highly non-linear. This problem is funda-
mentally related to the question of the efficiency of particle acceleration at

shocks by the Fermi process.

3.4 Cosmic Ray Acceleration at SNR Shocks

It is a reasonable assumption that it is the forward shocks in the Sedov
phase of SNR expansion that are mainly responsible for the production of

CRs. Although we have identified the existence of reverse shocks in the
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early phases of remnant expansion, the forward shocks are much longer lived
and have higher energies. Also, the CRs accelerated when the remnant is
small suffer strong adiabatic losses, making later stages more important (e.g.

Drury and Keane 1995).

One of the most important parameters of Fermi acceleration at an SNR
shock is the rate at which it operates. The rate of energy gain of relativistic

particles at a non-relativistic shock is given by

where tcycie is the time for one complete cycle i.e. crossing the shock from
upstream to downstream, diffusing back towards the shock and crossing from

downstream to upstream before finally returning to the shock.

In order to be accelerated efficiently, particles must interact with the shock
anumber oftimes and a downstream particle must be able to diffuse back to
the shock. The acceleration rate at the shock front depends on the particle
diffusion coefficient K. This in turn depends on the particle energy through
their Larmor radius and the properties of the plasma turbulence which is

driven by the particles themselves.

tacc ~ k/u2, (3.13)

where U= shock speed. Particles diffusing ahead of the shock excite Alfven
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waves which in turn reduce the scattering mean free paths to values ap-
proaching the gyro-radius so that the resulting diffusion coefficient takes a

value close to the Bohm Ilim it,

1
kb = 2r9vp, (3.14)

where kb = Bohm diffusion coefficient; g = particle gyro-radius and VP =

particle velocity (for relativistic particles VP « c).

The cycle time depends on the diffusion coefficients upstream (ki) and down-
stream (k2) ofthe shock and on the shock velocity and compression ratio and
is given by:

(3.15)

and the acceleration time at energy E\ defined by E/(dE/dt), is then ex-

pressed as:

_ 4 «, k2
t — “r 3.16
ace U\ (UX U2). ( )

For a comprehensive treatment of these and other equations see Protheroe

(1996).

In SNRs the relative orientation of the magnetic field and the shock front
can be very diverse. For a spherically symmetric shock front expanding
in a homogenous magnetic field for example, the directions of the shock
normal and magnetic field change from parallel to perpendicular over the

shock surface. For nearly perpendicular shocks, the acceleration process can
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be very fast and effective due to reflections upstream (Naito & Takahara
1995). However, the velocity ofthe shock-magnetic field interaction in highly
oblique shocks can approximate the light velocity, supressing the injection
efficiency of thermal particles which are essentially tied to magnetic field
lines. The most effective injection is therefore most likely to occur in regions

of SNRs where quasi-parallel shocks exist.
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Chapter 4

M odels of Shock A cceleration

4.1 The Test Particle Theory of Shock Accel-

eration

Much of the work done on the theory of shock acceleration in the late 1970s
employed the test particle approach, whereby the plasma shock was a given
phenomenon and the “test” particles were allowed to interact with it. In
the test particle regime there is a simple relation between the spectrum of
the accelerated particles and the jump conditions at the shock. This simple
picture becomes complicated when the pressure of the accelerated particles
(Pen) becomes comparable with the pressure of the shocked fluid so that
the non-linear backreaction of the particles becomes non-neglibible and the

spectrum is substantially affected.



The complicated effects, which seem to be important in several astrophysi-
cal situations, and lead to a highly non-linear problem, are often neglected,
mainly because of the lack of an approach that allows to take them into ac-
count without the use ofcomplicated numerical simulations which are usually
of restricted use. As a result, in most of the applications of DSA to astro-
physical simulations, the assumptions of test particles is adopted, even in

those cases where this approximation works poorly.

4.1.1 Maximum Energy

A prediction of shock acclereation theory, at least in the test particle for-
malism, is that there is a maximum energy for the accelerated particles. In
the case of SNR acceleration, Lagage & Cesarsky (1983) estimated the max-
imum energy of an ion of charge Z to be ~ 1014ZeV. This prediction was
not uniformly accepted however, with Jokipii for example showing that for

quasi-perpendicular shocks the upper energy limit could be much larger.

The maximum energy of Fermi accelerated ions is of central importance to
TeV observations. It can be determined in the Sedov phase of expansion ofa
SNR by equating the acceleration time to the remnant age (tSNR) producing

values of the order of (e.g. Baring et al 1997):

E Nagr~ 1Q( B — H2tsNR  TeV (4 1)
max r n 3ftG° TOOOkm/s 1oV
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where B\ = magnetic field in units of Gauss; u = expansion speed; r = Alrg.

In the Sedov phase, where the peak luminosity is expected (Drury et al.
1994), EmaXis a slowly increasing function oftime. For young SNRs early in
the Sedov phase (200-5000 yrs), Uis typically ~ 200 — 3000 km/s, implying

age-limited acceleration terminating around 1-10 TeV.

Lagage & Cesarsky (1983) suggest two effects which may have an effect on
limiting the energy gained by particles interacting with a SNR shock, namely
the finite lifetime of the shock and the shock curvature. Although most
scatterings occur either within the upstream or downstream region of the
shock and do not change the particle energy, the few scatterings across the
shock give an exponentially decreasing number of particles a momentum that
increases exponentially with time. This results in a power-law distribution
in momentum that cuts off due to the finite acceleration time. The cut-off

momentum PMaX{t) advances with time as follows

dPmax Pmax (4.2)
dt toxc
with the acceleration time given by (e.g Axford 1981)
. : iw + s M *
ui-u2Jvwin  m u2

where W\ and U2 are the upstream and downstream flow speeds in the shock

frame and K\ and k2 the particle diffusivities in the respective media. This
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equation for td® with k = Kjj was found to be fast enough to explain the
acceleration of CRs in SNRs up to the “knee” in the CR spectrum (~ 1015eV)

(e.g. Maikov et. al. 2001).

4.1.2 The Rankine-Hugoniot Relations

In a frame fixed with respect to the center of the explosion, the Rankine-

Hugoniotjump conditions in the limitofa very strong shock can be expressed

If we know the value for U, the above conditions yield the physical condi-

tions just inside the blast wave:

(4.5)
dt r2dr
1 dP
(4.6)
pdr’
4.7)



with specific internal energy

(TAIF (4'8)

4.2 Magnetic Field

Since an ionized plasma has a high conductivity, any magnetic field present
would be “frozen-in” to the plasma and contribute to the dynamics of the
shock. In a parallel shock, where the magnetic field is parallel to the shock
normal, the field’s only role is to support the Alfven waves generated by
the accelerated particles. In oblique shocks, the magnetic field takes a more
active role and influences both the shock jump conditions and the particle
acceleration. It has been observed (Candia et. al 2002) that at low energies,
the CR particle diffusion is mainly due to small-scale turbulent fluctuations,
while at higher energies the bulk ofthe CR diffusion is governed by the drifts
that arise from the large-scale regular magnetic field, leading to significant

large-scale asymmetries in the CR density distribution.

Taking a typical acceleration time given by

= _3_ , s 3¢~ 11 ) )
uxu2K Ui-U2 Y, )
™V fr
where I' = compression ratio of shock (for a strong shock r = 4); f = com-
pression ratio of magnetic field (f £ [1,4]); U2= for a strong shock.
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For a parallel shock with K\ = «2;r = 4; f — 1, we obtain an acceleration
time of

tacc = 20— (slow accelerator). (4.10)
((1

For a perpendicular shock with k2 = 1/4/ci;r = 4; f = 4

iacc = 8- (/cist accelerator). (4.11)
«1

4.3 Models of Shock Acceleration

The main difficulty in numerical techniques to solve nonlinear diffusive shock
acceleration is the fact that the diffusion-convection equation includes a wide
range of length scales that need to be resolved. The diffusion-convection
equation which describes the time evolution ofthe particle distribution f(p, x, t),

(e.g. Skilling 1975) takes the form;

df 1 du df d , . . d .
dt = i (ai)pap + di{K{x'p)dii) + Q" (412)
where Q = injection rate from thermal particles to CRs.

For a Bohm type diffusion where the scattering length is proportional to
the particle momentum, the diffusion length increases linearly with momen-
tum i.e. L oc p. Considering the acceleration from supra-thermal parti-

cles {pth/mPc ~ 10~3) to the “knee energy” (pmax/m pc ~ 106) for exam-
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pie, the ratio of the largest length scale to the smallest to be resolved is

Lmax/Lmin ~ 109 (Kang 2000).

Berezhko et al. (1994) have developed a code to handle such a strong mo-
mentum dependent diffusion model in time-dependent simulations by intro-
ducting a “change of variables technique” in which the radial coordinate is

transformed into a new variable scaled with particle diffusion length as

x(p) = exp(-" Rs"), (4.13)
HP)
where Rs = shock radius. This allowed them to solve the coupled system

of gasdynamic equations and the CR transport equation even for a diffusion

coefficient with a strong momentum dependence.

Prior to this, Krymsky & Pethukov (1980); Prishchep & Ptuskin (1981) and
Drury (1982) studied solutions of the cosmic ray transport equation in blast
waves from spherical explosions, making plausible assumptions regarding the
velocity field behind the shock and the CR diffusion coefficient, while neglect-
ing the CR pressure. However, even these simplified solutions do not express
the CR spectrum throughtout the whole downstream medium for arbitrary

shock strength.

Because the acceleration process is inherently slow, particles take a long
time to diffuse back and forth across the shock. Therefore, the energy gained

by particles injected at the beginning of the SNR expansion and fortunate
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enough to remain in the vicinity of the shock is limited. The diffusion co-
efficient of the CRs increases with energy. W hen the characteristic length
of diffusion of the particles (of order k/u\, where U\ is the shock velocity)
becomes comparable to the shock radius, the shock can no longer be con-
sidered plane. Particles interacting with a spherical shock lose some energy
when travelling downstream and have the possibility of escaping upstream of
the shock. As a result the acceleration mechanism can be totally/partially

quenched.

In our treatment of shock acceleration we adopt a simplified approach which
has been used successfully by many others (e.g. Bogdan & Volk 1983; Lagage
& Cesarsky 1983; Volk & Biermann 1988; Ball & Kirk 1992; Protheroe &

Stanev 1998) and which is often referred to as the “box” model.

iln the following section | will outline the fundamentals of this model and its

applications to shock acceleration in SNRs.

4.4 A Box Model of Shock Acceleration

The “box” model makes the simplified assumption that the particles be-
ing accelerated are uniformly distributed in a “box” extending one diffusion
length either side of the shock. The accelerated particles have a differential
energy spectrum N(E) and gain energy at a rate raccE. However particles

can also escape from the confines of the shock at a rate resc.
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results in the following description of the acceleration:

INATTP2IL] + A~ = Q - U2ivp2f. (4.16)

The first; term on the left represents the time rate of change of the number
of particles involved in the acceleration, the second term represents the di-
vergence in the acceleration momentum flux. The first term on the right is a
generic source term which can represent particles injected at the shock. The

last term in the expression is the flux of particles advected downstream.

Substituting for $in the above equation and simplifying we get a version of

the box model as follows:

(4.17)

By making the following assumptions, we can sim plify this equation further:

(4.18)

where

t (4.19)
Ui~ m Uu—w vi w

(4.20)
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df Q Ux
dt  4tvp2l L1

which can be simplified to give

df(p) = —"f{p)dt

for nomenta above injection.
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C hapter 5

Particle acceleration in

supernova remmnants and the

Bell-Lucek hypothesis

5.1 Introduction

Bell and Lucek (2001) and Lucek and Bell (2000) have presented numerical
simulations suggesting that the conventional process of particle acceleration
in shocks, generally called diffusive shock acceleration, may also result in sub-
stantial amplification of the highly tangled magnetic field around the shock.
We note in passing that this hypothesis provides a concrete physical mecha-

nism for one of the many ideas of the late F. Hoyle who speculated (Hoyle
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1960) that strong interstellar shocks might convert mechanical energy into
roughly equal amounts of magnetic field energy, cosmic ray energy and ther-
mal energy. Bell and Lucek suggest that this may enable strong supernova
driven shocks in the interstellar medium to accelerate particles to energies
well beyond what are conventionally held to be the maximum realistically

attainable energies of a few times 1014eV (e.g. Lagage and Cesarsky, 1983).

The Bell-Lucek hypothesis is of great interest because it is one of the few
suggestions as to how the cosmic ray particles of energies at and above the
“knee”, located at a few times 1015eV, could be made in the Galaxy. It is
therefore important to determine what the expected form ofthe source energy
spectrum would be and whether the slight break in the observed spectrum
at the “knee” can be accounted for in this way. There are also interesting
implications for gamma ray observations of SNRs with the next generation
of imaging atmospheric Cherenkov telescopes such as HESS. For an initial
examination of this problem the so-called “box” models of particle acceler-
ation offer enough accuracy and have the great advantage of computational

simplicity.

5.2 The Bell-Lucek hypothesis

Bell and Lucek point out that in the conventional diffusive shock accelera-

tion picture the energy density of the accelerated particles at and near the
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shock front is extremely large, of order the total ram pressure of the incom -
ing plasma, and thus much larger than the energy density of the magnetic
field (the ratio of particle energy to field energy is of order the square of the
shock Alfven Mach number). The standard treatment of resonant wave exci-
tation, in which the perturbations of the field are treated as Alfven waves to
lowest order and the interaction with the particles as a small perturbation,
therefore becomes questionable. W ith the support of numerical simulations
and simplified analytic models they suggest that in reality the field can be
highly distorted by the particle pressure and wound up to the point where

approximate equipartition holds.

If this amplified and distorted field is then used to estimate the particle
diffusion in the shock neighbourhood, acceleration to substantially higher
energies than in the conventional picture is obviously possible. Detailed es-
timates and simple dimensional analysis agree that the maximum particle
rigidity is given, to order of magnitude, by the product of the field strength,
the shock velocity and the shock radius, BRR. Thus the increase is directly
proportional to the increase in the field strength, which by the above ar-
gument is of order the Alfven Mach number of the shock. This can easily
be 103 for a young supernova remnant so that the effect is potentially very
significant; acceleration to rigidities of a few 1017 eV, rather than the 1014eV

normally estimated, is easily possible.

55



5.3 Incorporating the Bell-Lucek effect in the

“box™ models

To get a first estimate of the effect of such a dynamically generated field
on the acceleration we turn to the simplest treatment of shock acceleration,
the so-called “box” model. In this the accelerated particles are assumed
to be more or less uniformly distributed throughout a region extending one
diffusion length each side of the shock, and to be accelerated upwards in

momentum space at the shock itself with an acceleration flux

47T .
*(p) = yZIM (tt- u?) (5.1)

per unit surface area where f(p) is the phase space density of the accelerated
particles (assumed to have an almost isotropic distribution). If the diffusion

length upstream is L\, and that downstream is L2, then

In» * i#
Ul u?2

where Ki and k2are the upstream and downstream diffusion coefficients. To
a first approximation we assume that both Li and L2 are small relative to
the radius of the shock and that we can neglect effects of spherical geom-
etry (in fact it is not too difficult to develop a spherical box model, but it

unnecessarily complicates the argument) so that the box volume is simply
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A(Li + L2) where Ais the surface area of the shock. The basic “box” model
equation is then simply a conservation equation for the particles in the box;
the rate at which the number in the box changes is given by the divergence
of the acceleration flux in momentum space plus gains from injection and

advection and minus advective losses to the downstream region.

r ) Ads>
m [A(Li+L2)yw /(p)] +-0g-= AQ(P)+ AFM - AFi(p) (6-3)

where Q(p) is a source function representing injection at the shock (only
important at very low energies), Fi is a flux function representing advection
of pre-existing particles into the system from upstream (normally neglected)
and F2is the flux of particles advected out of the system and carried away
downstream. The only complication we have to consider is that the box
is time-dependent, with flow speeds, shock area and diffusion lengths all

changing.

The escaping flux is determined simply by the advection across the down-

stream edge of the box, that is

F2(p) = 4np2f{p) (u2- QX))
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and the box equation simplifies, ignoring the F] (p) term, to

(£, + L)f+djxl+ (¢, + L)t + UI+ (t/, - U2 A

(5.5)

5.4 Solution of the box equation

Partial differential equations of this form always reduce, by the method of
characteristics, to the integration oftwo ordinary equations, one for the char-

acteristic curve in the P, t plane

dp _ Ui-U2p (5.6)
dt L\ + (2 3
and one for the variation of / along this curve
T.1 dA $Li ,
(L\+ L2)-jj + | Q (5.7)

(z'+ i2)aH + ~at + Ui Airp2

Apart from at the injection momentum we can set Q = o0 and write the above

equation as
din/ _ 1dA Ui 18 WX
dt A dt L\ + L2 dt L\ - L2

But the shock area A is a function only of time so that



and, although the upstream diffusion length does depend o011 both time and

momentum, if we assume Bohm scaling for the two lengths so that

Loc”™ oc-"- (5.10)
U UB

(where V is the particle velocity) we can write

1 gL, _ (5 n)
Li 2- dt dt
where
i) = -- 5.12
) L\ + zp ( )
(obviously 0 < < 1). Finally, noting that
Uy Z\ d Inp
(5.13)

L\ + zr U\ —U2 dt

and assuming that the compression ratio of the shock is fixed even if the

shock speed changes, we can simplify the equation to

dm/ _ din A dhxjUMsUx d\np
dt dat ~» dt U —U2dt

which integrates trivially to relate the value of / at the end of one of the

characteristic curves, say at the point (pi,ii), to the value at the start, say
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at (to,po), as follows;

-3C7i/(Cli-i72)
(5.15)

f(to,Po) A(to)J \Ui(t0)Bi(t0)J \p0)
This rather beautiful result shows how the standard test particle power-
law is modified by what is essentially a geometrical dilution effect as the
box volume changes. The amplitude varies inversely as the shock area and
also decreases if the upstream diffusion length (at fixed energy) increases,
but with an exponent between zero and one determined by the ratio of the
upstream diffusion length to the total width of the diffusion region. It is
very interesting that the result is not simply a variation inversely as the
box volume, which one might naively expect. This reflects the fundamental
asymmetry between the upstream and downstream regions, that upstream is
empty outside the diffusion region whereas the entire downstream region is

filled with accelerated particles.

If we assume pure Bohm scaling the other diffential equation is also integrable
so that the problem is reduced entirely to quadratures (of course only within
the various approximations we are making; but still a remarkable result).
Bohm scaling implies that the mean free path is of order and proportional

to the particle gyroradius, so that if the particle charge is e

(5.16)
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where a is a dimensionless parameter (probably of order ten). Substituting

in the equation of the characteristic we get

4 2 = - (tfi - U2) U\eB\ (5.17)
at a

and noting the relativistic identity between kinetic energy T, momentum p

and velocity v,

we can integrate this as
(5.19)

For relativistic particles the kinetic energy and the momentum are essentially

interchangeable with T = cyVA + m2*2 —me2 « cp.

These two integrals together reduce the problem of calculating the final spec-
trum to that of determining the initial amplitude /(t0,Po) which in turn

depends on the injection rate and its time dependence.

5.5 The injection rate

There are two main approaches to the injection rate. The simplest, which
is perhaps more consistent with the test particle approach, is to simply

parametrise it by assuming that some fraction of the incoming thermal par-
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tides are “injected” as non-thermal particles at some suitably chosen “injec-
tion momentum” which separates the thermal particle population from the

non-thermal. In other words one writes

Q(p,t) = ri(t)rnUi6(p - pini{t)) (5.20)

where n\ is the upstream thermal particle number density, 77 1 is the
injection fraction, pinj is the injection momentum and as usual 8 is Dirac’s
delta distribution. It should be clear that this is a parametrisation rather
than a true injection model, however it, or equivalent parametrisations, have
been very widelyused, typically with 77taken to be a constantof order 10-5

to 10-4for protons and pjnj ~ I0mpUi where mp isthe proton mass. However
there is no real justification for this apart from the fact that it seems to yield

reasonable results in many cases.
W ith the above parametrisation the distribution function just above the in-
jection energy can be simply determined by equating the acceleration flux to
the injection flux,
- p  {Ui- u2/(ptg) = ijnf, (5.21)

giving

L} (11

<> (522)

The second approach adopts the idea, which can be traced back to the early

work of Eichler, that the injection process is inherently extremely efficient
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but that various feedback processes operate to reduce it to the point where
the accelerated particles carry a significant part of the energy dissipated in
the shock. Probably the most sophisticated modern version of this idea is
to be found in the papers by Maikov (refs). This, or something similar, is
in fact required for the Bell-Lucek hypothesis to operate because it requires
the accelerated particle energy density to be substantial and of order the
ram pressure of the upstream flow. For a standard spectrum close to p-~4
the energy is almost uniformly distributed per logarithmic interval over the
relativistic part ofthe spectrum. This suggests taking a reference momentum
in the transrelativistic region, pO&me, and determining / by a relation of

the form

ANf(po)m c2« PpUy (U, - U2 (5.23)

where i3is anumber which depends logarithmically on the upper cut-off and

which for supernova remnants is probably somewhere between 10-1 and 10-2.

It should be noted that very little work has been done on the problem of

electron injection, despite its obvious importance for observational tests.

5.6 Application to the Sedov solution

Let us now apply these ideas to the Sedov solution (also studied by Taylor
and von Neumann) for a strong spherical explosion in a cold gas where the

shock radius I oc t2/s and the shock velocity decreases as U <Xt-3/5. On the
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Bell-Lucek hypothesis the magnetic field also scales as the shock velocity,

B oct~3/5and thus the characteristic acceleration curves are given by
Ti —TO0 oc JII$V i - U2)UxBdt oc j 'r N bdt ex ir4/5 - iM4]5. (5.24)

These curves all rise extremely steeply, representing an initial phase of rapid
acceleration, turn over and then become asymptotically flat. Physically it is
clear that, as the shock slows and the field drops, the high energy particles
cease to be significantly accelerated and simply diffuse further and further
in front of the shock. In fact in reality they should probably be thought
of as decoupling from the shock and forming part of the general interstellar
population at this point, but within the box model they simply fill a steadily

growing upstream region. We will return to this point later.

A very important aspect of the curves is that they uniquely relate final ener-
gies (or equivalently momenta) to starting times. Asymptotically the relation

is a simple power-law; for T\ TO and to ti we have simply
Pi oc Ti oct * 5, ¢0 oc p i5|/4. (5.25)

Using this we can translate the geometrical dilution factors to additional

power-law terms in the final momentum. Explicitly, a given final momentum
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maps to a starting radius

roa ¢o” ocpx¥?2 (5.26)

and thus the surface area factor translates to a pl factor,

( S f “*1 (5-27>

Similarly, the factor deriving from the upstream diffusion scale depends on
the shock velocity

Uocr 3/5 ocrfia (5.28)

and the magnetic field, which on the Bell-Lucek hypothesis scales as U, giving

another p34factor, all raised to the power d giving a final factor

<xP;™*2 (5.29)

Finally, we need to determine the initial amplitude of / from an injection

model. If we use the 77 parametrisation
pinj =P0oOcU(t0) oc pB 4 (5.30)

and

lo oc r)Npo3. (5.31)
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Assuming the standard shock compression U1/U2 —4 so that 3U\f(U\ —£/2) =

4 we thus get, at fixed i1 and varying the final energy or momentum p\,

f(pi) oc rjnG03A (t0) [i/i(io)B i(i0)]“ 2 oc (5-32)

so that, if 7/ is constant, the slope is steepened from the canonical value of 4

to
4 .25+ — | (5.33)

If we use the alternative “equipartition” argument thatfGhouldbe dynami-
cally determined in the transrelativistic region we havepO ~ Meindependent
of pi and

f(p0) oc Uf oc r~3oc pB2 (5.34)
giving

f(pi) oc (5-35)

so that the slope is now

It is interesting that because of the strong injection at early times this model
can even, if $ < 1/3, lead to a slight flattening of the spectrum. However,
especially at high energies, it is unlikely that the upstream diffusion region

could be so small and a modest steepening of the spectrum is more likely.

These results refer of course only to the asymptotic behaviour of the high
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energy part of the spectrum. As p\ is decreased there comes a point where io
is no longer small relative to ty. At this point all values of the final momen-
tum map down to a small approximately constant region and the spectrum
becomes simply the standard p-4 spectrum. The conclusion therefore is that
on the Bell-Lucek hypothesis the spectrum accelerated by a Sedov-like shock
should exhibit a spectral break at the energy determined by the current
acceleration cut-off energy below which one observes the standard shock ac-
celeration spectrum, but above which a slightly different power-law continues

to higher energies.

5.7 Conclusions

Obviously further and more detailed work is needed, but it is very encourag-
ing that even such a simple model can produce spectra remarkably close to
the inferred cosmic ray source spectrum through the “knee” region. In fact
we are not aware of any other acceleration model that can naturally produce
a break of the right magnitude (about 0.5 in the exponent) at the right posi-
tion (modulo major uncertainties in interstellar propagation at these energies

of course).

Maikov et al. (2000) recently suggested a so-called self-organised critcal
(SOC) level, whereby the shock modification follows rather abruptly after the

maximum momentum has passed through the critical value, so that crucial
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acceleration parameters such as the maximum momentum and injection rate
are driven back to their critical values, limiting shock modification and setting
itatsome marginal level. (See also Jones 2000; Maikov & Drury 2001; Maikov
& Diamond 2001, for more discussions of the critical interrelation between

the injection, maximum energy and shock structure).

Maikov et al. (2001) also addressed the issue of particle acceleration by
SNRs in an attempt to determine what happens to the particle spectrum
provided the acceleration is indeed fast enough to access TeV energies over
the lifetime of the SNRs in question, and suggested a possible reason for the

lack of detection of TeV protons in SNRs.
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Chapter 6

Discussion and Future W ork

It appears that SNR shocks in the winds from supernova progenitor stars
can produce particles at least up to the “knee” of the observed CR spec-
trum. Most successful observations have been made for CR electrons. Many
SNRs are observed by radio synchrotron radiation due to relativistic elec-
trons gyrating around a magnetic field, in some remnants, this synchrotron
radiation extends to X-rays, e.g. SN 1006 which emits synchrotron X-ray ra-
diation at two bright rims where the X-ray energy spectrum is a power-law,
a typical signatuer of synchrotron emission. The maximum electron energy
em itting this radiation was estimated to be 100 TeV, consistent with the pre-
dictions of the standard model. Relativistic electrons can also be detected
in 7-rays by nonthermal Bremsstrahlung and by inverse Compton scattering

of the cosmic microwave background radiation. The TeV 7-rays from Sn
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1006 detected by the CANGAROO experiment are believed to be due to the
inverse Compton scattered cosmic microwave background radiation from 40
TeV electrons (Taniomori et al. 1998). Detection of CR protons in SNRs
however, has been discouraging to date. Relativistic protons collide with the
ISM and emit 7-rays via pion decay. According to theoretical estimates, the
detection of pion decay gamma-rays from nearby SNRs may be difficult with
current detectors but not impossible (Drury et al. 1994, Berezhko & Volk
2000). In many cases, gamma-ray observations have only given upper limits

without any positive detections.

It is thought that if some of the unidentified EGRET source detections turn
out to be of gamma-rays emitted in the environs of remnant shells, then
7-ray emitters myst be a minority of remnants, possibly mostly young, given
that they cannot produce ions above a few TeV. Remnants that provide
CRs up to the knee in the spectrum must therefore be a gamma-ray quiet
majority. Alternatively, if fluxes of shell origin are well below EGRET and
W hipple’s flux sensitivities, then the notion that shell-type remnants are
simultaneously gamma-ray bright and prolific producers of CRs becomes
tenable. It has therefore become evident that the W hipple and HEGRA
upper limits have not destroyed the hypothesis that shocks in shell-type
remnants energize the particles responsible for the gamma-ray emission, but
rather have provided a powerful tool for constraining our understanding (e.g.
Baring et al. 1997). Given detections of Sn 1006 by CANGAROO, it is

expected that in future, coupled TeV/sub-GeV, MeV and X -ray observations



will refine our understanding of gamma-ray SNRs.

The lack of proton detection calls for further improvements on theoretical
modelling and numerical calculations as well as experimental sensitivity. A
true progress in modelling particle acceleration in actual sources requires a
full plasma non-linear description, including feedback ofaccelerated particles
at the turbulent wave fields near the shock wave, flow modification caused
by the CRs plasma pre-shock compression and, of course, the appropriate

boundary conditions.

It is hoped that the advent of more sensitive ground-based detectors such as
the HESS array, will provide an experimental basis for an improved under-
standing of the acceleration, propagation and interactions of the nonthermal
populations of particles discussed above. At this time only a handful of TeV
gamma-ray sources have been established. Examples inlude a few active
galaxies, a few supernova remnants, and pulsar nebulae. W ith such small
samples, and data sets of very limited statistical precision, it is difficult to
impossible to differentiate between generic features ofthe sources and the ac-
celeration mechanisms, and specific characteristics ofindividual objects. The
goal of instruments such as HESS is to detect a sufficient number of sources
of each type to allow a meaningful taxonomy of sources and a classification

of the acceleration mechanisms.
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Appendix A

# include <stdio.h>

# include <math.h>

double tsw, xsw, UO, BO;

/* global constants for simple SNR model */

FILE *fp;

double rk4(double y, double dydx, double x, double h);
/* does one rk4 step */
void rkdumb(double ystart, double xstart, double xend, int nstep);

[* takes nsteps of rk4 from xstart to xend */

With y=In(p), x=In(t) the CDE to integrate is

{dy\over dx} = {t\over 3> {U_I-U_2\over L 1 +L_2}

\propto U~2 B {t\over p>

with t=exp(x) and U and B given functions of t.

The const is of order 3 10~4 if we measure t in years, p in eV/c

U in km/s and B in nT giving fast initial acceleration to
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about (T 17 eV

*

double derivs(double x, double y)

double t, p, U, B;

t

exp(x*M_LN10);

p exp(y*M_LN10);
/* For the moment just use very simple model for Ul = Shock speed

and amplified magnetic field B */

if ( tctsw )
{U = U5
B = BO;}
else
{U = WO * exp(-0.6*(x-xsw)*M _LN10);

B

BO * U/UO;}

return 30000.0*U*U*B*t/p;

/* Algorithm rk4 to perform one step of integration */

double rk4(double y, double dydx, double x, double h)
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double xh, hh, h6, dym, dyt, yt, yout;

hh = h * 0.5;

hé = h /| 6.0;

xh = X + hh;

yt =y + hh * dydx; /* First step */

dyt = derivs(xh, yt); /* Second step */
yt =y + hh * dyt;

dym = derivs(xh, yt); /* Third step */

yt =y + h * dym;

dym += dyt;

dyt = derivs(x + h, yt); /* Fourth step */

return yout =y + h6*(dydx + dyt + 2.0 * dym); /* Adding increments */

/* Driver routine rkdumb that takes nstep RK4 steps from xstart to xend */

void rkdumb(double ystart, double xstart, double xend, int nstep)

int k;

double x, y, dydx, yout, h;

y = ystart;



X = xstart;

while(x<xend)

dydx = derivs(x, Vy);

h = 0.1/dydx;

if (h>0.2) {h=0.2;};

y = rk4(y, dydx, x, h);
X += h;

fprintf(fp, ".1f %If\n", X, y);

int mainO

int i, nstep;

double ystart, xstart, xend;

/* Initialise */

tsw = 100; /* sweep-up at 100 years */

xsw = loglO(tsw);
UO = 10000; /* initial ejecta velocity
BO = 100; /* initial amplified field
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/* Open output file */

fp=fopen("b3.dat™,"w");

/* Read in parameters */

printf("Enter value for loglO initial time: \n");
scanf("%If", &xstart);

printf("Enter value for loglO end time: \n");

scanf ("4lf ", fexend);

printf("Enter value for loglO initial energy (in eV): \n™");
scanf("%If", &ystart);

printf(Integrating from % to %g; ystart %g\n", xstart, xend, ystart);

rkdumb(ystart, xstart, xend, nstep);

fclose(fp);

return O;
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